Context. The determination of lithium abundances in stars of young clusters have shown that they deplete Li by different degrees during their pre-main sequence phase. Beryllium abundances are complementary to the lithium ones, and can help tracing the mixing processes in the stellar interiors. Aims. Our aim is to derive beryllium abundances in a sample of G-and K-type stars of two young pre-main sequence open clusters, IC 2391 and IC 2602. The Be abundances are used to investigate the mixing of internal material in these stars. The reliability of the Be lines as abundance indicators in low-temperatures is also investigated in detail. Methods. We derived Be abundances from high-resolution, high signal-to-noise UVES/VLT spectra using spectrum synthesis and model atmospheres. Atmospheric parameters and other elemental abundances are adopted from a previous work. Results. The sample stars have masses in the range between 0.80 ≤ M/M ⊙ ≤ 1.20. They have been shown to differ in lithium abundance by about 0.60 dex, with lower A(Li) in cooler and lower mass stars. Here, we find that all the stars have the same Be abundance within the uncertainties. These observations show that the Be abundance is not affected by the mixing events in the premain sequence, in this mass range, in agreement with the expectation of evolutionary models. A comparison with Be abundances in older clusters shows that, contrary to the models, cool stars deplete Be during their main-sequence lifetime, confirming what has been previously suggested in the literature.
Introduction
Open clusters are ideal targets to study stellar evolution and stellar structure. They are composed of stars with the same age, chemical composition, and distance; moreover, their masses can be relatively well estimated. In young clusters, these advantages can be used to investigate the pre-main sequence (PMS) evolution of low-mass stars.
In this context, the evolution of the light elements lithium and beryllium offer valuable information. These elements burn in (p,α) reactions at relatively low but different temperatures in the stellar interiors (∼ 2.5 × 10 6 K for Li and ∼ 3.5 × 10 6 K for Be). Variations in their surface abundances, with respect to their initial values, help constraining the physical processes mixing the surface material to that in the stellar interior (Pinsonneault 1997; Deliyannis et al. 2000; Charbonnel et al. 2000) .
Li abundances have, consequently, been extensively studied in open clusters. According to standard evolutionary models 1 , Li depletion should be a unique function of age, mass, and chemical composition, in other words, within a given cluster stars with similar effective temperature should have undergone the same amount of Li depletion. Observations, however, have revealed a complex behavior with important discrepancies in almost all ⋆ Based on observations made with the ESO/VLT, at Paranal Observatory, under program 66.D-0284.
1 By standard evolutionary models we mean those that only allow for mixing in convective layers and do not include effects due to rotation and/or magnetic fields. evolutionary stages of low-and intermediate-mass stars (see e.g. Pinsonneault 1997 , and references therein).
Focusing on PMS Li depletion, several surveys of young clusters have evidenced two major discrepancies between theoretical predictions and empirical patterns. First, standard models seem to predict more Li depletion than observed in PMS clusters (defined as clusters with age between ∼ 10 and 100 Myr). Second, there is a significant spread in Li abundances among late-G and K dwarfs, which has first been detected in the 120 Myr Pleiades (Duncan & Jones 1983; Butler et al. 1987) , along with a connection between Li abundances and rotation; namely, fast-rotating stars appear to have higher abundances than slowrotating ones. This connection was confirmed in a large sample of Pleiades members by Soderblom et al. (1993) and has been found to hold for stars between 0.7 and 0.9 M ⊙ , but to break down for less massive stars (Garcia Lopez et al. 1994; Jones et al. 1996) . The scatter in Li abundances in otherwise similar stars has since then been confirmed by other authors (Jeffries 1999; Ford et al. 2002; King et al. 2010) .
Similar results of a star-to-star scatter in Li and the Li-rotation connection have been found in other clusters and associations both younger and older than the Pleiades, e.g. the nine young associations with ages between 6 and 70 Myr analyzed in da Silva et al. (2009 ), IC 4665 (∼ 28 Myr, Martin & Montes 1997 Jeffries et al. 2009 ), IC 2602 (∼ 45 Myr, Randich et al. 1997 Randich et al. , 2001 , NGC 2451 A and B (∼ 50 Myr, Hünsch et al. 2004) , α Per (∼ 90 Myr, Balachandran et al. 1988 Balachandran et al. , 2011 Randich et al. 1998 ), M 35 (∼ 175 Myr, Barrado y Navascués et al. 2001a , NGC 6475 (∼ 220 Myr, James & Jeffries 1997; Sestito et al. 2003) , and M 34 (∼ 250 Myr, Jones et al. 1997 ). The general picture seems to indicate that the scatter decreases with age and disappears by the age of the Hyades (∼ 600 Myr, Soderblom et al. 1990 Soderblom et al. , 1995 .
The interpretation of the Li scatter as a real abundance scatter and its connection to rotation is sometimes disputed in the literature (see e.g. King et al. 2000; Xiong & Deng 2005) . It has been argued that the Li scatter is only an apparent effect caused by our failure of properly modeling the atmosphere of these stars, neglecting effects caused by stellar activity for example. Theoretical and observational investigations of these effects, however, seem to indicate that they are not able to fully explain the observed scatter (Stuik et al. 1997; Barrado y Navascués et al. 2001b; Randich 2001; King et al. 2010) We finally mention that the observed trend of Li with rotation is the opposite of that predicted when effects induced by rotation, such as meridional circulation and shear turbulence, are included Mendes et al. 1999 ). In the models, the fast-rotating stars are expected to deplete more Li then the slow-rotating ones. In the last 15 years several mechanisms related to rotation, magnetic fields, disk locking, and angular momentum loss have been proposed with the aim of solving the discrepancies with observed PMS Li depletion (Martin & Claret 1996; Ventura et al. 1998; Chabrier et al. 2007; Bouvier 2008; Baraffe & Chabrier 2010; MacDonald & Mullan 2010) . Whilst some of these models do predict a larger amount of Li depletion for slow rotators, they still need to be further investigated and constrained.
Beryllium, on the other hand, has been investigated in far fewer stars than Li. This is because Be abundances can only be determined from the Be ii 2 S-2 P 0 resonance lines at 3131.065 Å and 3130.420 Å, a spectral region near the atmospheric cutoff and thus strongly affected by atmospheric extinction. Moreover, this near-UV region is extremely crowded with atomic and molecular lines, some of them still lacking proper identification.
Most of the work on Be in open cluster has concentrated in F and early-G stars (e.g. Stephens et al. 1997; Boesgaard & King 2002; Boesgaard et al. 2003b Boesgaard et al. , 2004 Randich et al. 2002 Randich et al. , 2007 Smiljanic et al. 2010) , while very little has been done in cooler stars (T eff ≤ 5400 K). Stars with temperatures down to ∼ 5000 K have been investigated only in the Hyades (∼ 600 Myr) by Garcia Lopez et al. (1995) and Randich et al. (2007) and in NGC 2516 (∼ 150 Myr) by Randich et al. (2007) .
These works have shown the following behavior of the Be abundances. As in the case of the Hyades, although the Li abundance decreases by two orders of magnitude with decreasing temperature between 6000 to 5400 K, the Be abundances remain unaltered (Boesgaard & King 2002) . For cooler stars in the Hyades, the results of Garcia Lopez et al. (1995) and Randich et al. (2007) suggest a small degree of Be depletion. For the four young stars in NGC 2516, no Be depletion was detected down to ∼ 5100 K (Randich et al. 2007 ). For older field stars, Santos et al. (2004) have found some degree of Be depletion in stars cooler than 5600 K. These studies therefore suggest a low level of main-sequence Be depletion in the cooler stars.
Except for one star of IC 2391 analyzed by Randich et al. (2002) , Be has never been systematically investigated in cool late G-and K-type stars of young pre-main sequence clusters. Here, we make for the first time such an attempt, and extend the investigation of Be to stars with T eff as low as ∼ 4700 K in the PMS clusters IC 2391 and IC 2602. As evolutionary models fail to reproduce the Li depletion pattern in these clusters Notes. The distance modulus and physical distances were determined using Hipparcos parallaxes by van Leeuwen (2009) . The color excesses are from Patten & Simon (1996) and Prosser et al. (1996) for IC 2391 and IC 2602, respectively. Their chemical composition was determined by D 'Orazi & Randich (2009) . The ages are discussed in the text. , it is important to investigate Be in order to better constrain the properties of the mixing during the PMS phase. Our work is divided as follows. In Sec. 2 we describe the targets and the observational data. In Sec. 3 we present the model atmosphere and abundance analysis, discussing in detail the difficulties of modeling the spectra of rotating cool stars. Our findings are presented in comparison to evolutionary models and to literature data on older clusters in Sec. 4. Finally, in Sec. 5 we present our final remarks. Myr using the lithium depletion boundary method (see e.g. Bildsten et al. 1997) . For IC 2602, the Li depletion method has recently been applied by Dobbie et al. (2010) and an age of 46 Myr was found. The clusters are young enough that 1 M ⊙ stars have just arrived or are arriving at the zero age main-sequence (ZAMS) 2 . The data on the clusters is summarized in Tab. 1. The young ages and proximity make the two clusters of considerable interest for the study of pre-main sequence evolutionary phases.
Targets and observational data
In spite of that, only a few analyses of their chemical composition have been published. The metallicities were first determined by Randich et al. (2001) 
Targets
In this work we analyze six G-and K-type stars of each cluster (listed in Tab. 2). All the stars were included in the work of D 'Orazi & Randich (2009) . The color-magnitude diagrams of the clusters are shown in Fig. 1 , where the observed stars are shown as open circles. The sample stars have been identified as photometric counterparts of possible low-mass cluster members detected in ROSAT X-ray observations (Randich et al. 1995; Patten & Simon 1996) . The membership of these stars is supported by spectroscopic observations of radial velocities, Hα activity, and Li abundances (Randich et al. 1997 Stauffer et al. 1997; Mermilliod et al. 2009 ). For IC 2391, proper motions have been measured by Platais et al. (2007) . These measurements confirm the membership of all our sample stars, except for star VXR31, which is found to be a non-member. A search in the literature shows that this star has always been flagged as having a discrepant radial velocity, but was suspected to be a single-lined spectroscopic binary. We therefore assume here that it is not a member of the cluster, and we exclude it from further discussion.
Observational data
The observations were carried out in visitor mode using UVES, the Ultraviolet and Visual Echelle Spectrograph (Dekker et al. 2000) fed by UT2 of the VLT. UVES is a cross-dispersed echelle spectrograph able to obtain spectra from the atmospheric cut-off at 300 nm to ∼ 1100 nm. UVES was operated in dichroic mode with cross dispersers #1 and #4 and central wavelengths 346 nm and 750 nm, respectively. A slit of 0.8 ′′ was used, resulting in a resolution of R ∼ 55 000 in the blue arm. The reduction was conducted with the ESO UVES data reduction pipeline within MIDAS (Ballester et al. 2000) . The spectra have average signalto-noise (S/N) between 55 and 115 in the region around the Be lines. The log book of the observations is given in Table 2 .
Analysis

Atmospheric parameters
The atmospheric parameters were adopted from the work of D 'Orazi & Randich (2009) . Their analysis was done in LTE and differentially to the Sun. Effective temperatures were determined with the excitation equilibrium of Fe i lines. A value of log g = 4.50 was in general adopted for the surface gravities, except for a few slow-rotating stars where the gravity could be checked using the ionization equilibrium between Fe i and Fe ii lines. In these cases a final value of log g = 4.45 was found, in excellent agreement with the initial assumption. The microturbulence was constrained by requiring the abundances calculated from Fe i lines to have a null correlation with the equivalent widths. The reader is referred to their work for more details on the adopted line list and atomic data. For the Sun, adopting the parameters, T eff = 5777 K, log g = 4.44, ξ = 1.10 km s −1 , a value of A(Fe) = 7.52 was derived. As mentioned above, average metallicities of [Fe/H] = −0.01 ± 0.02 and [Fe/H] = 0.00 ± 0.01 were determined for IC 2391 and IC 2602, respectively. The atmospheric parameters are given in Tab. 3. D 'Orazi & Randich (2009) estimate that the random errors affecting their parameters are of ± 60 K for T eff , ± 0.20 km s −1 for ξ, and between ± 0.15 and ± 0.25 dex for log g.
Be abundances
The beryllium abundances were determined using synthetic spectra calculated with the codes described in Coelho et al. (2005) . Model atmospheres were computed for the exact atmospheric parameters of the stars using the Linux version (Sbordone et al. 2004; Sbordone 2005 ) of the ATLAS9 code originally developed by Kurucz (see e.g. Kurucz 1993) . For the calculations we adopted the new opacities distribution functions of Castelli & Kurucz (2003) without overshooting. These models assume local thermodynamic equilibrium, plane-parallel geometry, and hydrostatic equilibrium. The line list is the same as used in our previous works on Be abundances (Smiljanic et al. 2008 (Smiljanic et al. , 2009 (Smiljanic et al. , 2010 . The molecular line list is that described in Coelho et al. (2005) and the atomic line list is the one compiled by Primas et al. (1997) . Log g f of −0.168 and −0.468 were adopted for the Be lines at 3131.066 Å and 3130.421 Å, respectively. The line list includes a Fe i line at 3131.043 Å, with log g f = −2.517 and χ = 2.85 eV, with the objective of simulating an unknown line that affects the blue wing of the Be 3131 line. The parameters of this line were constrained using several stars of different parameters and metallicities (see Primas et al. 1997 , for details). The proper identification of this line is still controversial in the literature, and we remark that other choices have been made by different authors. As discussed in more detail by Randich et al. (2007) , this choice does not affect the calculation of Be abundances of stars with T eff > 5400 K. As a number of our stars are cooler than that we discuss this issue in detail below.
With the line list described above, the solar UVES spectrum 4 , and adopting the parameters: T eff = 5777 K, log g = 4.44, and ξ = 1.00 km s −1 an abundance of A(Be) 5 = 1.10 is obtained. This abundance is in excellent agreement with the one found by Chmielewski et al. (1975) , A(Be) = 1.15, and usually adopted as the reference photospheric solar abundance.
As for some stars in the open cluster IC 4651 analyzed in Smiljanic et al. (2010) , the spectra of our sample stars are affected by rotational broadening. Smiljanic et al. (2010) found that from this kind of data reliable, albeit slightly overestimated, Be abundances can be determined. The reader is referred to the discussion presented in Smiljanic et al. (2010) for more details. Examples of the fits for the stars VXR70 (from IC 2391) and R66 (from IC 2602) are shown in Figs. 2 and 3, respectively.
We also derived Be abundances in two stars of the Hyades analyzed in Randich et al. (2007) , vb109 and vb182. The abundance we find for both of them is A(Be) = 0.95 ± 0.23 (the two stars have temperatures of 5141 and 5079 K, respectively). That should be compared with A(Be) = 0.80 ± 0.21 derived in Randich et al. (2007) .
3.3. The Be 3131 line below 5400 K Of the two Be resonance lines, the one at 3130 Å is stronger but also more affected by blends. Because of that, the line at 3131 Å is usually preferred for abundance determinations. The latter is, however, also affected by blends. The most important blends Patten & Simon (1996, VXR#) and from Stauffer et al. (1989, SHJM#) . For IC 2602 they are from Randich et al. (1995) . (2) The VR photometry of the IC 2391 members is from Patten & Simon (1996) and the (B−V) color of SHJM2 is from Stauffer et al. (1989) . The BV photometry of the IC 2602 members is from Prosser et al. (1996) and Randich et al. (1995) . (3) Average S/N around 3130 Å in the combined spectrum. The VR photometry of IC 2391 is from Patten & Simon (1996) . Only members and suspected members according to the analysis of Patten & Simon (1996) are shown. The BV photometry of IC 2602 is from Prosser et al. (1996) and Randich et al. (1995) . The photometry was obtained by means of the WEBDA database. In the CMD of IC 2391, star VXR31, found to be a non-member, is shown as a full triangle.
are: (i) a Zr i line at 3131.109 Å at its red wing (included in our analysis with parameters determined by Corliss & Bozman 1962) ; (ii) two OH (A 2 Σ-X 2 Π) lines and one CH (C 2 Σ-X 2 Π) line (included with parameters determined by Castilho et al. 1999) at its blue wing; (iii) an unknown line at its blue wing that we model as a Fe i line following Primas et al. (1997) .
The lower the effective temperature the weaker the Be ii lines are expected to become, as the population of the ionized species decreases. The blending features from neutral atoms and molecules, however, increase in importance. One might then question down to what temperatures the Be lines are still reliable abundance indicators.
To address this issue, the behavior of the 3131 Be line in late-type stars cooler than 5400 K was investigated in detail first by Garcia Lopez et al. (1995) and then by Randich et al. (2007) . Garcia Lopez et al. (1995) adopted a different solution for the unknown blending line, i.e. increasing the log g f value of a Mn i line at 3131.037 Å by 1.50 dex 6 . This Mn i line is also included in our line list, but with the original log g f determined by Kurucz (1988) , i.e. log g f = −1.725. Garcia Lopez et al. (1995) concluded that below ∼ 5200 K, the Mn i becomes the dominant component of the blend, therefore the utility of the 3131 Be line as a good abundance indicator decreases. The exact temperature where it might become useless, however, would depend on both the resolution and the S/N ratio of the spectrum. Because of this, Randich (2009) . In the bottom we include two star from the Hyades with parameters determined by Randich et al. (2007) . The rotational velocities are from Stauffer et al. (1997) . The lithium abundances for the stars of IC 2391 and IC 2602 were calculated by Randich et al. (2001) and include NLTE corrections. For the Hyades stars the Li abundances are from Randich et al. (2007) . All the beryllium abundances were determined in this work. In addition, its spectrum has quite low S/N ratio and thus the value of A(Be) is quite uncertain. Garcia Lopez et al. (1995) were able to put only upper-limits to the Be abundance in their sample stars with T eff < 5200 K. In Randich et al. (2007) , a similar exercise was conducted. These authors, however, adopted the same atomic line list that we use in this work and compared the different effects caused by adopting either the Fe i or the Mn i line. Randich et al. (2007) concluded that for stars above 5400 K choosing either of the solutions does not affect in a significant way the Be abundances. For lower temperatures, they found that the Be abundances can differ by 0.15−0.10 dex between 5250−5400 K, and up to 0.20 dex at ∼ 5000 K. Smaller abundances are derived when the Fe i line is adopted (i.e., this line is found to be always stronger than the Mn one). Using the Fe blend, Randich et al. (2007) concluded that it was possible to measure Be down to the lowest T eff in their sample, ∼ 5000 K. Here, we repeat the exercise, comparing the Fe and Mn lines, but also investigating the influence of the Zr i and the molecular lines on the blend and extending the test down to 4800 K. A comparison of the relative strengths of these lines is shown for five different temperatures in Fig. 4 .
As expected, the Be ii line becomes weaker with decreasing temperature while the lines of Fe i, Mn i, and Zr i all become stronger. At ∼ 5100 K, the added contribution of the blending lines are comparable to the strength of the Be line, irrespective of the choice between Fe or Mn. As was found by Randich et al. (2007) , the Fe line is always stronger than the Mn line. We also confirm the differences in the Be abundances caused by adopting different lines in the temperatures range studied by Randich et al. (2007) . In addition, we find that for even lower temperatures, down to ∼ 4800 K, the difference can amount to 0.40−0.45 dex. While we have no definitive answer to whether the blend is caused by a Fe or a Mn line, it is clear that had we chosen to use the Mn line in our analysis, we would obtain a trend of increasing Be abundance with decreasing temperature (in Fig.  6 ), as we would need to compensate for the weaker blend by increasing the Be abundance to fit the 3131 line. This increase in the Be abundance would also make the 3130 line much stronger than observed. Choosing the Fe blending line, we can get a good simultaneous fits of both the 3130 and 3131 lines. Therefore, we conclude here that the Fe line seems to be a better solution for the blend, although in the future it might still be proven that it is not the right one.
Although the Be line is not the dominant line at low temperatures, the blend should still be sensitive to the Be abundance, as long as the blending lines are well constrained. Although this is not perfectly true, from the exercise we conducted we believe to have as good a control over the blends as is currently possible. Thus, using spectrum synthesis, Be abundances can be determined down to at least T eff ∼ 4700 K, which is the lowtemperature end of our sample. This is illustrated in Fig. 5 , where we show the spectra of our coolest sample star in comparison with synthetic spectra with different Be abundances.
To finalize, two points must be stressed. First, for as long as the blends remain not well known, we can not claim to determine absolute Be abundances at the low T eff range with sufficient precision. The relative comparison between similar stars in the same T eff range, however, should be robust. Second, as the Fe line we adopt is the stronger among the possible choices, our Be abundances should be on the low-end. Therefore, our conclusion that there is no significant Be depletion in the stars analyzed here (see Section 4 below) is robust.
Uncertainties in the Be abundances
The Be abundances are affected by random uncertainties coming from the atmospheric parameters and by uncertainties in the determination of the pseudo-continuum during the spectrum synthesis. To estimate the effect of the atmospheric parameters, we can change each one by its own error, keeping the other ones with the original adopted values, and recalculate the abundances. Thus, we measure how the variation of one parameter affects the abundances. We assume the uncertainties introduced by each parameter to be independent of the other ones. The uncertainty due to the continuum was determined by estimating the sensitivity of the derived Be abundance on the adopted continuum level. This uncertainty is mostly related to the S/N of the spectrum, and thus can be slightly different from star to star. Estimations of these effects are listed in Table 4 . The calculations were done for three stars, spanning the rage in temperatures of the sample (VXR67, R14, and SHJM2). In the plots that follow these uncertainties were considered as typical values also for the other sample stars with similar temperatures.
As mentioned in Sec. 2, Randich et al. (2002) has also analyzed one of sample stars, star SHJM2 of IC 2391. The atmospheric parameters they used are the same adopted here. An abundance of A(Be) = 1.11 ± 0.13 was derived. Our own value, A(Be) = 1.20 ± 0.13 agrees with theirs within 1σ.
Lithium abundances
Lithium abundances for IC 2391 and IC 2602 were first calculated by Stauffer et al. (1989) and Randich et al. (1997) , respectively. The samples of member stars of these two clusters were then reanalyzed and extended by Randich et al. (2001) . The Li abundances listed in Tab. 3 were all taken from this last ref- σ total SHJM2 ± 0.05 ± 0.10 ± 0.00 ± 0.03 ± 0.05 ± 0.13 R14 ± 0.05 ± 0.10 ± 0.05 ± 0.00 ± 0.10 ± 0.16 VXR67 ± 0.10 ± 0.20 ± 0.10 ± 0.00 ± 0.20 ± 0.32 Notes. The effect introduced by the uncertainties of each of the atmospheric parameters and by the uncertainty of the fitting itself related to the level of the continuum and the S/N. erence. Li abundances are particularly sensitive to temperature and the T eff adopted in Randich et al. (2001) are for a few stars slightly different from the ones adopted here. The differences amount to at most 70 K. According to the analysis presented in Randich et al. (2001) , these differences could result in 0.10−0.15 dex differences in the Li abundances. Differences that are within the uncertainties of the analysis itself (for our sample stars the uncertainties in A(Li) listed in Randich et al. (2001) vary between 0.18 and 0.30 dex).
The Be abundances, on the other hand, are only weakly sensitive to the T eff . Because of this, and because the Li abundances from Randich et al. (2001) are, anyway, consistent within themselves, we decided to just adopt their values for A(Li) instead of recomputing the abundances.
Discussion
Mixing in the pre-main sequence
Solar-type stars start their lifes as fully convective objects with large radii and low central temperature. As they contract, the stellar temperature rises and may eventually reach values high enough to burn the light elements. The rise in temperature can also lead to the development of a radiative core while the convective layer retreats to the upper layers. The radiative core will appear at later ages the smaller the mass and the higher the metallicity of the star. Light element depletion will only be observed if the temperature in the convective zone reaches the values necessary for nuclear burning. If the temperature is high enough for (2007) and Garcia Lopez et al. (1995) are shown as full green triangles. Abundances for Hyades stars from Boesgaard & King (2002) and from Pleiades stars from Boesgaard et al. (2003b) are shown as "×" and "+" symbols, respectively. Abundances for NGC 2516 stars from Randich et al. (2007) are shown as full black circles and abundances for field stars from Santos et al. (2004) are shown as open triangles. The dashed line indicates the solar value.
depletion only in the radiative core, no depletion is observed in the photosphere.
Models and observations have shown that stars more massive then ∼ 1.20 M ⊙ do not deplete Li during the PMS. The amount of depletion increases for less massive stars. At about 0.6 M ⊙ all Li will be burned before the radiative core is able to develop. As beryllium is less fragile than Li, it is expected to survive longer. Significant Be depletion is expected by the models only for masses below ∼ 0.6 M ⊙ (Bodenheimer 1966; Chabrier & Baraffe 1997 ). This expectation, however, has not been empirically tested before and this is our aim here.
Before discussing the Be abundances, lets briefly recall the behavior of the Li abundances in our two clusters. As discussed in Randich et al. (2001) , stars more massive then ∼ 1.0 M ⊙ do not show signs of Li depletion, while cooler stars are depleted by an amount that increases with decreasing temperature. Randich et al. (2001) concluded that the late-G and early-K stars in IC 2602 present a scatter in Li abundances that is similar, but not as large, as the one seen in the Pleiades. IC 2391 did not show strong evidence of a scatter, but this could be caused by low number statistics. Some correlation with rotation is seen, but not as strong as in the Pleiades.
The dependence of Li depletion on temperature was found to be similar in the two clusters down to ∼ 5000 K. At lower temperatures, the stars in IC 2391 seem to be more depleted than the ones in IC 2602. Moreover, some of the stars in the two clusters are more depleted in Li than similar stars in the older Pleiades. These observations point that the pattern of depletion may be affected by the individual properties of each cluster.
The observed correlation between Li and rotation in mainsequence stars in young clusters is a strong indication that the evolution of stellar angular momentum during the PMS affects the efficiency with which Li is burned. In addition to the increase in rotation due to the contraction of the star, the angular momentum evolution is also affected by the interaction of magnetic fields with the disk and/or the stellar wind.
Given the complexity of the processes involved, abundances of both Be and Li are useful to probe the range in temperatures achieved in the convective zone during the PMS. Thus, demonstrating whether the expectation from the models, i.e. that Be is not affected, is important.
In Fig. 6 we show the Be abundances of the stars as function of the effective temperatures. The mean abundance of our stars is A(Be) = 1.23 ± 0.07. No trend with temperature is detected. Taking into account that the spectra of many of our sample stars are affected by rotational broadening, the Be abundances we derive are expected to be slightly overestimated (see discussion in Smiljanic et al. 2010) . Therefore, given the uncertainties, there is no significant difference between the abundances measured in our stars and that observed in the Sun (where A(Be) = 1.10).
Recently, Takeda et al. (2011) proposed that most early-G stars suffer some degree of gradual Be depletion. This conclusion is based on a weak correlation found between A(Be) and v sin i in a large sample of solar analogues. However, the observations of Be in old open clusters and the similarity of the Be abundances among cluster members of different ages and field stars seem to argue against that, suggesting instead that no Be depletion has taken place in stars between 6100 K ≤ T eff ≤ 5600 K. If that is indeed the case, then Fig. 6 strongly suggests that our cooler stars also did not suffer any Be depletion. Below 5000 K, we were only able to determine the Be abundance in one star, VXR67 (see Fig. 5 ). Although its abundance has a larger error bar, it is fully consistent with the remaining objects. There is no indication of Be depletion. This conclusion is reinforced by Fig. 7 , where we plot the Be abundances as a function of the Li abundances derived in Randich et al. (2001) . In the case where Be is affected by PMS depletion, one would expect the abundances of Li and Be to correlate, i.e. that stronger Be depletion should be seen in stars with stronger Li depletion. As no such trend is seen in Fig. 7 there is again no indication of Be depletion.
We recall here that, as discussed in Sec. 3.3, the Fe line we adopt as a blend is the stronger among the possible choices. Therefore, any systematic effect introduced by this choice would result in a smaller Be abundance for cooler stars. Thus our conclusion that there is no significant Be depletion in the stars analyzed here is robust.
Depletion on the main sequence
In Fig. 8 we present a comparison of our results with Be abundances of other clusters and field stars. The references from where the abundances were compiled are given in the caption of the figure. All of them derived a solar abundance of beryllium similar to the one we obtain here, and thus are in a similar scale. Exception are the results of Boesgaard and collaborators who found A(Be) ⊙ = 1.30 (Boesgaard et al. 2003b ). If we were to express the results using the Sun as reference, we would be in the same scale. The addition of their results in Fig. 8 do change our conclusion below, as their stars are located in the same temperature range where all other results also do not find Be depletion.
The masses of the stars shown in the left panel of Fig. 8 were interpolated from theoretical isochrones, for the age of the cluster and the given temperature of the star. The isochrones were calculated with the internet server 7 dedicated to pre-main sequence and main-sequence model calculations presented by Siess et al. (2000) . From these isochrones, it seems that the masses of stars older than the ZAMS might be slightly overestimated (by ∼ 0.10 M ⊙ ).
The sequence from the clusters to the field in Fig. 8 can be seen as a sequence of age: from IC 2391 and IC 2602 (∼ 50 Myr), to NGC 2516 (∼ 150 Myr), the Hyades (∼ 600 Myr), to the field stars of Santos et al. (2004) (older than ∼ 1 Gyr). It is seen that for stars cooler than ∼ 5600 K (mass lower than ∼ 1.10 M ⊙ ) the degree of Be depletion seems to increase with age. There is also a clear correlation between Be depletion and temperature (mass). The depletion is stronger the lower the mass. As there seems to be no Be depletion for stars at ages of 50 and 150 Myr, we conclude that the Be depletion in this temperature range is taking place during the main sequence, in agreement with the conclusions of Santos et al. (2004) and Randich et al. (2007) .
Comparison with the models
We now compare our abundances with expectations from theoretical models. Isochrones for the early-main sequence were calculated using the internet server of Siess et al. (2000) for solar metallicity (Z = 0.02), with and without overshooting, and for 5 different ages (1, 10, 50, 125, and 600 Myr) . In addition to the usual quantities (luminosity and temperature) the models offer additional information such as the surface abundance of the light elements (LiBeB).
When looking at the plots comparing abundances and models, it is important to remember that a star does not keep its temperature constant during the whole age interval for which we show models. In other words, a fixed temperature value in the following plots correspond to stars with different masses depending on the age. For example, at 1 Myr, a star with ∼ 3 M ⊙ has 5000 K, but at 50 Myr (onwards) a star with ∼ 0.90 M ⊙ has this temperature.
In Fig. 9 we compare the Li abundances with the models without overshooting. Both IC 2391 and IC 2602 have ages of about 50 Myr while the Hyades has ∼ 600 Myr. The plot shows 7 http://www.astro.ulb.ac.be/∼siess/server/iso.html what was discussed before, i. e., the models predict too much Li depletion for cool stars and no depletion during the main sequence. The difference between the young clusters and the Hyades, however, suggest that some depletion took place during the main sequence in this older cluster.
The same comparison is done with the Be abundances in Fig.  10 . The models show slightly higher Be abundance because of a difference in the choice of reference solar abundance. Apart from that, the observations agree very well with the models. In the temperature range investigated, which for an age of 50 Myr correspond to a mass range between 0.80 ≤ M/M ⊙ ≤ 1.20, no Be depletion is expected and none is seen.
Formally, the inclusion of the Hyades stars in these plots and their comparison with the Z = 0.02 models could be questioned as they are more metal rich ([Fe/H] = +0.13). From the models point of view, metallicity is expected to influence the degree of light elements depletion (e.g. Piau & Turck-Chièze 2002; Sestito et al. 2006 ). An increased opacity would affect the conditions at the bottom of the convective zone during PMS. In Randich et al. (2007) , however, models of PMS Be depletion were calculated for both the solar and the Hyades composition for a star of 0.9 M ⊙ . It was shown that the effect caused by metallicity in this case is negligible. Thus, the observed difference between the Be abundances can not be explained by the difference in metallicity. Sestito et al. (2006) has indeed investigated in detail the effect of heavy-element opacity on PMS Li depletion. They concluded that changes in the abundances are not enough to result in agreement between models and Li observations in low-mass stars of young clusters. Observationally, no significant difference between Li depletion patterns has been found among clusters with similar ages and different metallicities, arguing against a strong metallicity dependence of PMS depletion (Jeffries & James 1999; Jeffries 2006) . Similar comparisons are shown in Figs. 11 and 12 but against the models including overshooting. The discrepancy with the Li data is shown to increase when overshooting is taken into account. For Be however, the inclusion of overshooting is still not enough to cause Be depletion in the range of parameters of our sample. From these plots we see that we were still not able to reach down to effective temperatures where Be depletion during the pre-main sequence phases could be detected. If one can push the determination of Be abundances to even lower temperatures, it would be possible to look for the effect of overshooting on Be depletion. Such measurement are, however, be very challenging.
As discussed previously in Randich et al. (2007) , the small difference seen between the Be abundances in the Hyades and in IC 2391/2602, seems to point to yet another shortcoming of the models. The mixing mechanism depleting Li during the main sequence seems also to be able to deplete Be, although not as dramatically.
Evolution of Be in the disk
The average Be abundance in the two clusters is A(Be) = 1.24 ± 0.09 and 1.22 ± 0.06, for IC 2391 and IC2602 respectively. These values can be compared to the average of other young clusters to search for variations of the Be abundance in the disk and to investigate signs of Be evolution with time in the Galaxy. For this comparison we selected from the literature only stars with 5400 K ≤ T eff ≤ 5800 K, i.e. stars that show no signs of Be depletion. For the clusters analyzed by Boesgaard and collaborators the averages are: A(Be) = 1.33 ± 0.06 for 10 stars of the 600 Myr old Hyades; A(Be) = 1.26 ± 0.07 for 3 stars of the 120 Myr old Pleiades; A(Be) = 1.28 for 2 stars of the 500 Myr old Coma; A(Be) = 1.25 for 1 stars of the 300 Myr old Ursa Major moving group (Boesgaard & King 2002; Boesgaard et al. 2003a Boesgaard et al. ,b, 2004 . All these average values seem to be in agreement with each other, given the uncertainties. Although one should keep in mind that there is a small spread in metallicity between the clusters (from [Fe/H] = −0.09 for Coma and [Fe/H] = +0.13 for the Hyades) and that the results are not exactly on the same scale as ours, when seen together they indicate a lack of strong variations in the initial Be abundance among the clusters.
By comparing the Be abundance in these young clusters with the solar abundance, one can search for evidence of Be enrichment in the disk. This task if made difficult by a possible disagreement between the solar photospheric and meteoritic abundances, A(Be) = 1.10 and A(Be) = 1.42 respectively. This meteoritic value recommended by Anders & Grevesse (1989) seems to indicate a photospheric depletion by a factor of two. Balachandran & Bell (1998) and Bell et al. (2001) , however, argued that by accounting for a possible missing near-UV continuum opacity the photospheric Be abundance increases to A(Be) = 1.41, and thus is brought into agreement with the meteoritic one. This conclusion is corroborated by a re-analysis of the Be photospheric solar abundance using 3D hydrodynamical models (Asplund 2004) , where a recommended value of A(Be) = 1.38 is found. As discussed in Asplund (2005) and Asplund et al. (2009) , Be abundances in the Sun seem to be largely insensitive to NLTE and 3D effects and this increase is only due to the missing opacity. It is interesting however to notice that two recent redeterminations of the Be abundance in a CI chondrite meteorite yields a value of A(Be) = 1.32 (Makishima & Nakamura 2006 , see also Lodders 2010 , which is smaller than the currently recommended photospheric value. The implications of this smaller value have not been discussed in the literature yet, but this lower value might suggest that the 'missing opacity' has been overestimated in the above analyses. In their analysis of Be abundances in solar analogues, Takeda et al. (2011) reached similar conclusion.
As discussed before, the Be abundances we derived in the young clusters show no evidence of PMS depletion and are in agreement with the one we derived for the Sun. Thus we can draw the two following conclusions: (1) there is no evidence for significant Be depletion in the Sun, in agreement with the conclusions of Randich et al. (2002 Randich et al. ( , 2007 ; (2) the similarity of the abundances also indicate that there has been no significant Galactic enrichment of Be in the last ∼ 4.5 Gyr since the Sun was formed. 
Summary
Beryllium abundances were calculated for ten confirmed members of the young pre-main sequence clusters IC 2391 and IC 2602. We also recalculated Be abundances for two main sequence stars of the Hyades. With a careful abundance analysis, we were able to provide actual detections for fast-rotating stars and for stars with effective temperatures down to ∼ 4700 K. These young stars (∼ 50 Myr) have just arrived in the main sequence. Therefore, any alteration in the surface abundance of the light elements Li and Be should have taken place during the PMS phase.
We show that all the stars analyzed have, within the uncertainties, the same Be abundance even though they have different degrees of Li depletion. This result confirms empirically for the first time the theoretical prediction that Be abundances are not affected by mixing during the PMS for stars in the range between 0.80 ≤ M/M ⊙ ≤ 1.20, as expected by the models. In addition, as discussed in the literature, for stars less massive than the Sun the mixing mechanism depleting Li during the main sequence seems also to be able to deplete Be.
At even lower temperatures (∼ 4000 K), models with and without overshooting differ in the predicted amount of Be depletion. It is not clear, however, if the Be abundances can be properly determined in such cool stars. The attempt to push the determination of Be abundances to even lower temperatures, although very challenging, could provide important information to differentiate between these models, testing the importance of overshooting during the PMS.
